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ABSTRACT
We have used the AMR hydrodynamic code, MG, to perform idealised 3D MHD sim-
ulations of the formation of clumpy and filamentary structure in a thermally unstable
medium without turbulence. A stationary thermally unstable spherical diffuse atomic
cloud with uniform density in pressure equilibrium with low density surroundings was
seeded with random density variations and allowed to evolve. A range of magnetic
field strengths threading the cloud have been explored, from β = 0.1 to β = 1.0 to the
zero magnetic field case (β = ∞), where β is the ratio of thermal pressure to magnetic
pressure. Once the density inhomogeneities had developed to the point where gravity
started to become important, self-gravity was introduced to the simulation. With no
magnetic field, clouds and clumps form within the cloud with aspect ratios of around
unity, whereas in the presence of a relatively strong field (β = 0.1) these become
filaments, then evolve into interconnected corrugated sheets that are predominantly
perpendicular to the magnetic field. With magnetic and thermal pressure equality
(β = 1.0), filaments, clouds and clumps are formed. At any particular instant, the
projection of the 3D structure onto a plane parallel to the magnetic field, i.e. a line
of sight perpendicular to the magnetic field, resembles the appearance of filamentary
molecular clouds. The filament densities, widths, velocity dispersions and tempera-
tures resemble those observed in molecular clouds. In contrast, in the strong field case
β = 0.1, projection of the 3D structure along a line of sight parallel to the magnetic
field reveals a remarkably uniform structure.
Key words: MHD – instabilities – ISM: structure – ISM: clouds – ISM: molecules –
methods: numerical
1 INTRODUCTION
Extensive studies of the nearest star-forming clouds, most
recently with the Herschel Space Observatory have revealed
that every interstellar cloud contains an intricate network
of interconnecting filamentary structures (see, for example,
Section 2 of the review of Andre´ et al. (2014) and references
therein). The data, from Herschel and near-IR studies for
example, suggest a scenario in which these ubiquitous fil-
aments represent a key step in the star formation process:
large-scale flows compress the diffuse ISM and form molec-
ular clouds; an interconnecting filamentary structure forms
within these clouds; magnetic fields affect the directions of
movement and hence overall structure, although do not ap-
pear to set the central densities in the filaments; gravity
plays an increasingly important role, fragmenting the fila-
ments once they are cold and dense into prestellar cores and
⋆ E-mail: C.J.Wareing@leeds.ac.uk
finally protostars. Observational results now connect well
with numerical simulations, as highlighted in Section 5 of
Andre´ et al. (2014) and the references therein. Numerical
simulations now include the thermodynamic behaviour of
the cloud material, magnetic fields, gravity and feedback
from massive stars, both radiative and dynamic. Turbu-
lence has emerged as an ingredient which can, injected at
the right scale, result in the formation of filaments which
possess properties remarkably similar to those derived from
observational results.
In the work presented here, we explore the formation of
filaments through the use of MHD simulations of the thermal
instability (Field 1965) in a low-density cloud of quiescent
diffuse medium initially in the warm unstable phase and in
pressure equilibrium with its lower-density surroundings, in-
cluding accurate thermodynamics, magnetic fields and self-
gravity. Our motivation is to study the underlying physics of
the thermal instability under initially quiescent conditions,
without additional complications such as driven turbulence
c© 2002 RAS
2 C. J. Wareing et al.
or colliding flows. In the next two sections, we review recent
relevant results, summarising properties of filaments derived
from observational results in Section 2 and recent relevant
work on analytical and numerical filament formation models
in Section 3. In Section 4 we present our numerical method
and define the initial conditions used in our model. In Sec-
tion 5 we present our results and in Section 6 analyse those
results with comparison with the observational results dis-
cussed in Section 2. We conclude the work in Section 7.
2 PROPERTIES OF FILAMENTS
Filaments and their importance for star formation have been
noted by many authors for decades. We follow the review of
Andre´ et al. (2014) and define filaments as any elongated
ISM structures with an aspect ratio larger than ∼5-10 that
are significantly overdense with respect to their surround-
ings. They are not thought to be projections of sheets or
larger structures. Schneider & Elmegreen (1979) discussed
the properties of elongated dark nebulae with internal struc-
tures they named “globular filaments”. Within star-forming
molecular gas, CO and dust observations revealed that both
the Orion A cloud (e.g. Bally et al. 1987; Chini et al. 1997;
Johnstone & Bally 1999) and the Taurus Cloud (e.g. Abergel
et al. 1994; Mizuno et al. 1995; Hartmann 2002; Nutter et
al. 2008; Goldsmith et al. 2008) have prominent filamentary
structure. Other well-known examples include the molec-
ular clouds in the constellations Musca and Chamaeleon
(e.g. Cambre´sy 1999), Perseus (e.g. Hatchell et al. 2005),
and S106 (e.g. Balsara, Ward-Thompson & Crutcher 2001).
After making comparisons, Myers (2009) noted that young
stellar groups and clusters are frequently associated with
dense “hubs” radiating multiple lower-column-density fila-
ments.
The Herschel Space Observatory has now uncovered fil-
amentary structure in molecular clouds and infrared dark
clouds in great detail (see the review of Andre´ et al. (2014)
and also, for example, Andre´ et al. (2010), Ko¨nyves et
al. (2010), Arzoumanian et al. (2011, 2013), Peretto et
al. (2012), Schneider et al. (2012) and Palmeirim et al.
(2013) for more detail). Notably, filamentary structure is
present in every cloud observed with Herschel, independent
of whether the cloud is actively star-forming or not. For
example, the Polaris Flare, a translucent, non-star forming
cloud is clearly filamentary in structure in both Herschel-
derived column density and in 250 µm continuum emission
(Ward-Thompson et al. 2010; Miville-Descheˆnes et al. 2010).
This ubiquity indicates the formation of filaments precedes
star formation in the cold ISM, and is tied to processes act-
ing within clouds themselves (Andre´ et al. 2014).
The Herschel observations have revealed a number of in-
teresting results regarding the properties of filaments. Most
often noted is the result from detailed analysis of resolved
filamentary column density profiles (e.g. Arzoumanian et al.
2011; Juvela et al. 2012; Palmeirim et al. 2013) that the
shape of filament profiles is universal and described by a
Plummer-like function of the form (Plummer 1911; Whit-
worth & Ward-Thompson 2001; Nutter et al. 2008; Arzou-
manian et al. 2011):
ρp (r) =
ρc[
1 + (r
/
Rflat)2
]p/2 (1)
for the density profile, equivalent to:
Σp (r) = Ap
ρcRflat[
1 + (r
/
Rflat)2
] p−1
2
(2)
for the column density profile, where ρc is the central density
of the filament, Rflat is the radius of the flat inner region,
p ≈ 2 is the power-law exponent at large radii (r >> Rflat),
and Ap is a finite constant factor which includes the effect
of the filament’s inclination angle to the plane of the sky.
It is notable that the exponent p is not 4, which would be
the case for an isothermal gas cylinder in hydrostatic equi-
librium (Ostriker 1964). Palmeirim et al. (2013) introduced
a possible explanation for why p ≈ 2 at large radii, explain-
ing that dense filaments may not be strictly isothermal, but
may be better described by a polytropic equation of state,
P ∝ ργ or T ∝ ργ−1 with γ 6 1. Observational measurement
of the mean dust temperature profile measured perpendic-
ular to the B213/B211 filament in Taurus shows the best
polytropic model fit to temperature is achieved with a poly-
tropic index γ = 0.97± 0.01 (see Palmeirim et al. 2013, for
further details). Dust temperatures in the filament are on
the order of 10-15K and this model assumes Tgas = Tdust.
However, filaments may be more dynamic systems than the
static equilibrium assumed therein.
Arzoumanian et al. (2011) also found that when aver-
aged over the length of the filaments, the diameter 2×Rflat
of the flat inner plateau in the radial profiles for 27 filaments
in Gould belt clouds is a remarkably constant 0.1± 0.03 pc.
Arzoumanian et al. conclude there is no correlation between
filament width and central column density for the Gould
belt clouds. Considering this further, from their figure 7, fil-
ament widths range from the half peak beam width (HPBW)
resolution limit of 0.03 pc up to 0.1 pc in Polaris, from the
HPBW resolution limit of 0.05 pc to 0.2 pc in Aquila and
from the HPBW resolution limit of 0.08 pc to 0.2 pc in
IC5146. Other authors have found larger values for filament
full widths at half-maximum (FWHM). Hennemann et al.
(2012) found widths between 0.26 pc and 0.34 pc for the
DR21 ridge and filaments in Cygnus X and similarly Juvela
et al. (2012) found FWHM of around 0.32 pc for filaments
within the Planck Galactic cold cores.
Line emission observations of C18O and N2H
+ and other
molecules towards star forming filaments (Zuckerman &
Palmer 1974; Arzoumanian et al. 2013; Hacar et al. 2013;
Furuya, Kitamura & Sinnaga 2014; Henshaw et al. 2014;
Jime´nez-Serra et al. 2014; Li et al. 2014) have revealed non-
thermal line broadening. Arzoumanian et al. (2013) pre-
sented molecular line measurements of the internal velocity
dispersions in 46 Herschel identified filaments. Noting the
thermal sound speed of ∼0.2 km s−1 for T=10K, they found
velocity dispersions in the range 0.2-0.4 km s−1 for thermally
subcritical and nearly critical filaments, implying the level of
“turbulent” motions is almost constant and does not domi-
nate over thermal support. For thermally supercritical fila-
ments (i.e. they contain more mass than the thermal pres-
sure can withhold), they find a positive correlation between
filament column density and the level of turbulent motions,
observing velocity dispersions up to 0.6 km s−1. This points
to an additional source driving these motions, generally re-
garded as turbulent, the origin of which is unclear. First
interpreted as indications of gravitational collapse (Goldre-
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ich & Kwan 1974), the scales were rapidly noted to be too
small, but several mechanisms have since been proposed as
the source, including protostellar outflows, expanding HII
regions, stellar winds and internal supernovae (SNe), exter-
nal SNe, colliding flows or tidal forces and accretion and
collapse (see Iba´n˜ez-Mej´ıa et al. 2015, and references therein
for a more complete discussion). Observations indicate that
the driving source is on the largest scales in molecular clouds
(Mac Low & Ossenkopf 2000; Brunt 2003; Brunt, Heyer &
Mac Low 2009) making it difficult for internal point sources,
e.g. stellar feedback, to drive the large-scale flows. Self-
gravity or multiple combined SNe have recently emerged as
leading candidates (Iba´n˜ez-Mej´ıa et al. 2015) but the debate
is not settled.
Large-scale and well-ordered magnetic fields have been
revealed through polarisation measurements towards star-
forming filaments. In many cases, the magnetic field appears
to be roughly perpendicular to the filaments (e.g. Chap-
man et al. 2011; Sugitani et al. 2011; Planck Collaboration
2014a). There are some reports though of a bimodal distri-
bution of field directions - either parallel or perpendicular
to the major axis of the filament itself (Li et al. 2013; Pil-
lai et al. 2015; Planck Collaboration 2014b). Lower density
filaments parallel to the magnetic field have been coined
“striations” marking the flow of material along field lines
accreting onto the denser perpendicular filaments to which
they are connected (Hacar et al. 2013).
Analytical studies have also shed light on the stability
and fragmentation properties of filaments subject to turbu-
lent motions, external pressure confinement and accretion
on the filament (see, e.g. Ostriker 1964; Inutsuka & Miyama
1992; Fischera & Martin 2012; Pon, Johnstone & Heitsch
2011; Pon et al. 2012; Toala´, Va´zquez-Semadini & Go´mez
2012; Heitsch 2013). Magnetic fields have generally been
found to have a positive effect on filament stability (Na-
gasawa 1987; Fiege & Pudritz 2000; Heitsch 2013; Tomisaka
2014). Soler et al. (2013) combined numerical simulations
of magnetised molecular clouds and synthetic polarisation
maps in order to show that the relative orientation of the
magnetic field also depends on the initial magnetisation of
the filament-forming cloud. This conclusion has been used
to infer details of the driving process: super-Alfve´nic turbu-
lence causes strong compression, resulting in magnetic fields
parallel to the filamentary structures (Padoan et al. 2001),
whereas sub-Alfve´nic gravitational contraction moves ma-
terial along the magnetic field lines, generating filamentary
structures preferentially perpendicular to the magnetic field
(Nakamura & Li 2008).
3 FORMATION MODELS OF FILAMENTS
Theoretical descriptions of filaments have focussed on sev-
eral different kinds of possible filament states: 1) equilibria,
2) collapsing and fragmenting systems that follow from un-
stable equilibria, 3) equilibria undergoing considerable radial
accretion and 4) highly dynamical systems for which equi-
librium descriptions do not apply. We refer the interested
reader to a full discussion elsewhere (e.g. see Section 5 of
Andre´ et al. 2014) and go on to discuss formation mecha-
nisms relevant to our work.
Early simulations have shown that gas is rapidly com-
pressed into a hierarchy of sheets and filaments, without the
aid of gravity (Bastien 1983; Porter, Pouquet & Woodward
1994; Va´zquez-Semadini 1994; Padoan et al. 2001). Turbu-
lent box simulations and colliding flows (e.g. Mac Low &
Klessen 2004; Hennebelle et al. 2008; Federrath et al. 2010;
Go´mez & Va´zquez-Semadini 2014; Moeckel & Burkert 2015;
Smith, Glover & Klessen 2014; Kirk et al. 2015) produce fil-
aments. Hennebelle & Andre´ (2013) demonstrated the for-
mation of filaments through the velocity shear that is com-
mon in magnetised turbulent media. Other authors have ex-
plained filaments as the stagnation regions in turbulent me-
dia (Padoan et al. 2001). As discussed in the previous sec-
tion, the formation of filaments preferentially perpendicular
to the magnetic field lines is possible in strongly magnetised
clouds (Li et al. 2010). Andre´ et al. (2014) note that the same
0.1 pc filament width is measured for low-density, subcriti-
cal filaments suggesting that this characteristic scale is set
by the physical processes producing the filamentary struc-
ture. Furthermore, they note that at least in the case of
diffuse gravitationally unbound clouds (e.g. Polaris), grav-
ity is unlikely to be involved. Large-scale compression flows,
turbulent or otherwise, provide a potential mechanism, but
it is not clear why any of these would produce filaments with
a constant radius.
Filaments also form due to gravitational instabilites in
self-gravitating sheets if the exciting modes are of sufficiently
long wavelength (e.g. Nakajima & Hanawa 1996; Umekawa
et al. 1999). Layers threaded by magnetic fields still frag-
ment, but the growth of perturbations perpendicular to the
magnetic field are suppressed when the thickness of the sheet
exceeds the thermal pressure scale height according to the
linear analysis of Nagai, Inutsuka & Miyama (1998). The
perturbations parallel to the field are unaffected. There-
fore filaments perpendicular to the magnetic field form first
within the sheet, before they form any cores (Inutsuka &
Miyama 1992). Van Loo, Keto & Zhang (2014) showed nu-
merically that filaments with properties similar to the obser-
vations indeed form by gravitational instabilities, but that
cores form simultaneously.
Recently, (Smith, Glover & Klessen 2014, hereafter
SGK14) and (Kirk et al. 2015, hereafter KKPP15) inves-
tigated the formation and evolution of filaments in more
detail. SGK14 examined the influence of different types of
turbulence, keeping the initial mean density constant in sim-
ulations without magnetic fields. Specifically they examined
three turbulent initial conditions: solenoidal, compressive,
and a natural mix of both - two-thirds solenoidal, one-third
compressive. All were initialised with the magnitude of the
root-mean-square turbulent velocity normalised such that
the kinetic and gravitational potential energies are equal at
the start of the simulation. They used the moving mesh code
AREPO and identified and categorised simulated filaments
from column density plots in the same manner as undertaken
for recent Herschel observations. They found that when fit-
ted with a Plummer-like profile, the simulated filaments are
in excellent agreement with observations, with p ≈ 2.2, with-
out the need for magnetic support. They found an average
FWHM of ≈ 0.3 pc, when considering regions up to 1 pc
from the filament centre, in agreement with predictions for
accreting filaments. Constructing the fit using only the inner
regions, as in Herschel observations, they found a resulting
FWHM of ≈ 0.2 pc.
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KKPP15 used the FLASH hydrodynamics code to per-
form numerical simulations of turbulent cluster-forming re-
gions, varying density and magnetic field. They used HD and
MHD simulations, initialised with a supersonic (M ≈ 6) and
super-Alfve´nic (MA ≈ 2) turbulent velocity field, chosen to
match observations, and identified filaments in the resulting
column density maps. They found magnetic fields have a
strong influence on the filamentary structure, tending to pro-
duce wider, less centrally peaked and more slowly evolving
filaments than in the hydrodynamic case. They also found
the magnetic field is able to suppress the fragmentation of
cores, perhaps somewhat surprisingly with super-Alfve´nic
motion involved in the initial condition. Overall, they noted
the filaments formed in their simulations have properties
consistent with the observations they set out to reproduce,
in terms of radial column density profile, central density and
inner flat radius.
Motivated by observed filamentary structure and the
need to physically establish such structure within a hydro-
dynamic context for massive star feedback simulations, this
study presents 2D fixed-boundary simulations and 3D free
boundary simulations of an approach to the formation of the
filaments: specifically, the action of the thermal instability
(hereafter the TI) in a stationary quiescent diffuse molec-
ular cloud initially in thermally unstable pressure equilib-
rium, confined by its low density surroundings, with only
10% density variations seeded across the 100 pc diameter
cloud.
Parker (1953) was one of the first to suggest that con-
densation phenomena in molecular clouds could be a con-
sequence of the instability that is a result of the balance
between heating and cooling processes in a diffuse medium.
Field (1965) showed that the TI can lead to the rapid growth
of density pertubations from infinitesimal density variations,
δρ, to non-linear amplitudes on a cooling time-scale, which
for typical ISM conditions is short compared to the dynam-
ical time-scale. The TI develops an isobaric condensation
mode and an acoustic mode, which - under ISM-conditions
- is mostly damped. The condensation mode’s growth rate
is independent of the wave length. However, since it is an
isobaric mode, smaller pertubations will grow first (Burkert
& Lin 2000). The signature of the TI is fragmentation and
clumping as long as the sound crossing time is smaller than
the cooling time-scale. Kritsuk & Norman (2002a,b) found
that the TI can drive turbulence in an otherwise quiescent
medium, even continuously, if an episodic heating source is
available.
A number of authors have investigated analytically the
effects of different mechanisms on the TI (Birk 2000; Nejad-
Asghar & Ghanbari 2003; Stiele, Lesch & Heitsch 2006;
Fukue & Kamaya 2007; Shadmehri 2009). Other groups
have numerically investigated flow-driven molecular cloud
formation including the effects of the TI (e.g. Lim, Falle &
Hartquist 2005; Va´zquez-Semadini et al. 2007; Hennebelle et
al. 2008; Heitsch, Stone & Hartmann 2009; Ostriker, McKee
& Leroy 2010; Van Loo, Falle & Hartquist 2010; Inoue &
Inutsuka 2012). This numerical work has included magnetic
fields, self-gravity and the TI and has identified the ther-
mal and dynamical instabilities that are responsible for the
rapid fragmentation of the nascent cloud, largely through
flow-driven scenarios. Here we concentrate on the TI itself
without any initial flow. As overdense regions appear in the
molecular cloud, we continue each simulation with and with-
out self-gravity in order to quantify the effect of gravity on
this large-scale initial stage of filament formation. We anal-
yse the properties of these filamentary structures and com-
pare them to the observational properties detailed above.
4 NUMERICAL METHODS AND INITIAL
CONDITIONS
4.1 Numerical methods
We present 2D and 3D, magneto-hydrodynamical (MHD)
simulations of filament formation from the diffuse atomic
medium with and without self-gravity using the established
astrophysical code MG (Falle 1991). The code employs an
upwind, conservative shock-capturing scheme and is able to
employ multiple processors through parallelisation with the
message passing interface (MPI) library. MG uses piece-
wise linear cell interpolation to solve the Eulerian equa-
tions of hydrodynamics. The Riemann problem is solved
at cell interfaces to obtain the conserved fluxes for the
time update. Integration in time proceeds according to a
second-order accurate Godunov method (Godunov 1959).
A Kurganov Tadmor (Kurganov & Tadmor 2000) Riemann
solver is used in this work. Self-gravity is computed using a
full-approximation multigrid to solve the Poisson equation.
The adaptive mesh refinement (AMR) method (Falle
2005) employs an unstructured grid approach. By default,
the two coarsest levels (G0 and G1) cover the whole com-
putational domain; finer grids need not do so. Refinement
or derefinement is based on error. Where there are steep
gradients of variable magnitudes such as at filaments, flow
boundaries or discontinuities, this automated meshing strat-
egy allows the mesh to be more refined than in more uniform
areas. Each level is generated from its predecessor by dou-
bling the number of computational grid cells in each spatial
direction. This technique enables the generation of fine grids
in regions of high spatial and temporal variation, and con-
versely, relatively coarse grids where the flow field is numeri-
cally smooth. Defragmentation of the AMR grid in hardware
memory is performed at every time-step, gaining further
speed improvements for negligible cost through reallocation
of cells into consecutive memory locations. The simulations
presented below employed 7 or 8 levels of AMR. The coarsest
level, G0, was set with a very small number of cells in order
to make the calculation of self-gravity as efficient as possible,
specifically 4 × 4 (×4) in 2D (3D). Thus, the highest levels
of grid resolution were either G6 with 256×256 (×256) cells
or G7 with 512 × 512 (×512) cells. Physical domain sizes
and hence physical resolutions varied as detailed below.
4.2 Heating and cooling processes
As the exploration of the evolution of thermal instability in
the diffuse atomic medium under the influence of magnetic
fields and gravity is the aim of this paper, care has been
taken to implement realistic equilibrium heating and cool-
ing, as it is the balance of these processes that is used to
initialise the medium in the warm unstable phase and the
combined effect of these that defines the evolution of the
medium. In the ISM, heating as defined by the coefficient
c© 2002 RAS, MNRAS 000, 1–17
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Γ, varies with increasing density as the starlight, soft X-ray
and cosmic ray flux are attenuated by the high column den-
sity associated with dense clouds. Because the exact form of
the attenuation depends on details which remain uncertain
(e.g. the size and abundance of PAHs), the heating rate at T
6 104 K is similarly uncertain. In this work, as a first step,
we have therefore assumed that Γ = 2×10−26 erg s−1 (inde-
pendent of density or temperature). For the low-temperature
cooling (6 104 K), we have followed the detailed prescrip-
tion of Koyama & Inutsuka (2000), fitted by Koyama &
Inutsuka (2002), corrected according to Va´zquez-Semadini
et al. (2007), namely
Λ(T )
Γ
= 107 exp
(
−1.184× 105
T + 1000
)
+1.4× 10−2
√
T exp
(−92
T
)
.
(3)
The resulting thermal equilibrium pressure Peq and ther-
mal equilibrium temperature Teq, defined by the condition
ρ2Λ = ρΓ, are shown in Fig 1(a) as a function of density.
Given the above forms of heating and cooling, it is possible
to scale non-gravitational simulations under the following
transformation ρ → αρ, Γ → αΓ, t → t/α, l → l/α where
α is constant. This allows one to model different regions
of the Galaxy which have different heating rates (see e.g.
Wolfire et al. 1995, 2003).
At temperatures above 104 K we have followed the pre-
scription of Gnat & Ferland (2012) who used CLOUDY
10.00, enabling us to define cooling rates over the tempera-
ture range from 10K to 108 K. This has been implemented
into MG as a lookup table for efficient computation. We do
not expect such high temperatures in these simulations, but
in order to enable stars and their associated wind and SNe
feedback to be introduced into these simulations in future,
a consistent approach from the outset has been used.
4.3 Initial conditions
The physical properties of our initial condition are moti-
vated by the simplification of initial conditions and the need
to avoid physical (or numerical) conditions which may pre-
set a length scale in the simulation. For example, KKPP15
found that the injection of velocity on a particular forcing
scale, as often used to initialise turbulent ISM conditions,
can strongly affect the mean separation of filaments formed
in the hydrodynamic case and to a lesser extent the mag-
netised case. We also take care to avoid numerical issues,
e.g. instability-smoothing caused by AMR derefinement, as
discussed further below. In this way, we can examine the
effect of the thermal instability on diffuse medium evolution
in isolation.
In our initial condition we set a number density of
atomic hydrogen throughout the medium of nH = 1.1 cm
−3.
Following Field (1965), we seed the domain only with ran-
dom density variations - 10% about this uniform initial den-
sity. We show the density distribution in Figure 1(b). Care
is taken to avoid repeating random number generation in
multi-processor execution, by spooling through the random
number sequence independently according to processor num-
ber on each processor. This initial density is at the lower end
of the range of thermally unstable densities for the balance
[cm-3]
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(a) Equilibrium temperature and pressure 
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Figure 1. (a) Thermal equilibrium pressure (Peq/k - thin line)
and temperature (Teq - thick line) vs. density for the cooling and
heating functions given in Section 4.2 and used to set the pressure
and temperature in the initial condition. (b) The initial density
distribution across a 2D domain, showing 10% density variations.
Length is scaled in units of 50 pc.
of heating and cooling functions used in this work, approx-
imately nH = 1–7 cm
−3 defined by the region of negative
gradient in the function of thermal pressure according to
density shown in Figure 1(a). Tests with a number of initial
densities and ±0.1 cm−3 variations across this range showed
that a lower density triggers the formation of higher density
structures on shorter timescales. Thus, the low value of ini-
tial density that we selected ensures that structure forms on
the shortest timescales. From an evolutionary point of view,
it would seem likely that mechanisms that form clouds from
the ISM are likely to increase the density from typical ISM
densities of 1 H cm−3 or less into the lower end of the un-
stable phase first, although the passage of a shock may also
jump the density straight to the upper end of the unstable
regime, or higher, and several authors have investigated this
as previously noted. For the purposes of this investigation,
we choose the former evolutionary process and consider the
initial density that most quickly forms higher density struc-
c© 2002 RAS, MNRAS 000, 1–17
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tures whilst remaining on the equilibrium curve. Initial pres-
sure is set according to the unstable equilibrium of heating
and cooling at Peq/k = 4700 ± 300 K cm−3 and results in
an initial temperature Teq = 4300± 700K. The dependence
of the equilibrium pressure on the density of the medium is
shown by the thin line in Figure 1(a). Equilibrium temper-
atures are indicated by the thick line in Figure 1(a). The
material is stationary.
In all cases, we follow the evolution for approximately
a free-fall time of a diffuse medium at this density, where
free-fall time tff is defined as
tff =
√
3pi
32Gρ
(4)
and for these initial densities, tff = 49.1Myrs.
For this work, we thread the domain with uniform B-
field along the x direction, i.e. B = B0 Iˆx. We investigate
three magnitudes of the magnetic field, defined by a plasma
β = ∞, 1.0 and 0.1. In the case of β =∞, there is no mag-
netic field (B0 = 0). In the moderate field case of β = 1.0,
there is pressure equality, i.e. the thermal pressure at nH =
1.1 cm−3 is equal to the magnetic pressure at t = 0, and B0
= 1.15µG. In the strong field case of β = 0.1, the magnetic
pressure is 10× greater than the thermal pressure at t = 0.
The magnetic field strength is increased by a factor of
√
10
to B0 = 3.63µG. Both cases represent field strengths similar
to mean Galactic values expected at an inner (∼ 4 kpc) loca-
tion and would be representative of the magnetic field con-
ditions in which diffuse clouds begin to condense and form
higher density structures. Evolved molecular clouds have
been noted to have magnetic field strengths over 10× greater
than these, but it is not clear how these field strengths have
been generated. In this work, we examine whether thermal
instability leading to filament formation under the influence
of gravity alone can intensify the magnetic field, or whether
other influences are required, for example stellar feedback
generating super-sonic, super-Alfve´nic motions.
We considered three separate Scenarios, employing 2D
XY and 3D XY Z Cartesian grids, in order to examine the
evolution of the thermal instability:
4.3.1 Scenario 1 - a segment of a larger cloud (2D)
In this Scenario, 2D simulations employed fixed boundary
conditions that enforced the initial condition at all bound-
aries in order to represent a segment of a larger molecular
cloud. Periodic boundary conditions were avoided in order
to allow the use of self-gravity. Three simulations were per-
formed without self-gravity for the three magnetic field cases
β =∞, 1.0 and 0.1, and then repeated with self-gravity. In
every simulation, the domain was filled with the initial con-
dition detailed above, as shown in Figure 1(a). The phys-
ical domain size was 50 pc2 throughout, with G0 contain-
ing 20 × 20 cells and 5 or 6 levels of AMR initially, result-
ing in a resolution 0.15625 pc on G4 or 0.078125 pc on G5
(640 × 640). In all these simulations, the AMR capability
was disabled and 5 or 6 complete grid levels were simu-
lated as tests showed that during the initial evolution of
the medium, the density variations seeded in the initial con-
dition initially smoothed out before condensations appeared
across the cloud. Hence the AMR grid would by default com-
pletely derefine, suppressing condensations. Further tests,
not shown, were also carried out with both half-physical-
size domains and double resolution domains, hence twice
the physical resolution on the finest grid level. These tests
converged with the lower physical resolution simulations, in
terms of the numbers of structures, their size and separation.
4.3.2 Scenario 2 - a slice of an infinite cylinder (2D)
In this Scenario, a circular stationary diffuse cloud of ra-
dius 50 pc was placed at the origin (0,0) in a domain of
physical extent ±75 pc in both directions (150 pc square),
surrounded by a lower density stationary medium. The min-
imum 25 pc buffer around the cloud in all directions avoided
any boundary-related numerical effects. Free-flow boundary
conditions were employed on all boundaries. Again, three
simulations were performed without self-gravity for the three
magnetic field cases, and then repeated with self-gravity.
The same initial condition as previously noted was adopted
inside the cloud and the cloud was assumed to have a definite
edge, i.e. no smoothing between the cloud and its surround-
ings was adopted. The surrounding medium was set with a
density of 0.1H cm−3 in pressure equilibrium with the cloud
and hence at a high temperature. If allowed to evolve this
surrounding medium would cool rapidly. As we are not in-
terested in the evolution of the surrounding medium and its
pressure is simply defined in order to confine the cloud but
not affect its internal evolution, heating and cooling was
disabled in the surrounding medium. The same effect was
achieved in Scenario 1 by the use of fixed boundary condi-
tions.
4.3.3 Scenario 3 - a spherical cloud (3D)
In this Scenario, the same stationary diffuse cloud of radius
50 pc was surrounded by a stationary medium in a 150 pc
cube 3D domain. The same initial conditions as previously
were adopted, both inside the cloud, resulting in a total
cloud mass of ∼ 17, 000M⊙, and also in the surrounding
medium outside the cloud. In this Scenario, G0 contained
4×4×4 cells and the simulation employed 8 levels of AMR,
equivalent to a 512×512×512 grid and a finest resolution of
0.29 pc on a side. A low resolution G0 was adopted in order
to make the calculation of self-gravity more efficient. Levels
G0 to G5 were initially complete in order to avoid the nu-
merical AMR instability-smoothing issues discussed above.
Levels G6 and G7 were allowed to refine or derefine accord-
ing to the physical conditions in the domain. Tests again
showed that this approach and resolution captured the true
physical evolution of the cloud and avoided coarse grid scales
affecting the formation and evolution of higher density struc-
tures. No symmetry constraints were imposed on the simu-
lation and all quadrants were calculated so that asymmetric
structure can develop freely throughout the cloud. Free-flow
boundary conditions were used at all boundaries.
4.4 Neglected processes and simplifications
This work is the first step in developing realistic molecular
cloud conditions for stellar feedback simulations, such as we
have performed previously with predefined cloud conditions
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Figure 2. Scenario 1 - 2D simulations of segments of a larger cloud, without self-gravity. Each plot shows the logarithmic mass density.
Across the rows, the three different magnetic field cases are presented. Magnetic field lines are indicated where appropriate. Length is
scaled in units of 50 pc.
(Rogers & Pittard 2013, 2014). We have accounted for ra-
diative heating and cooling, gravity and magnetic fields. We
have necessarily still made a number of simplifications and
approximations.
We model equilibrium cooling only and neglect the
role of molecular cooling, including carbon monoxide (CO).
Without a full treatment of heating according to column
density and shielding to allow the formation of CO, it is
difficult to justify the inclusion of any CO effects into the
cooling curve. That said, we have performed a small number
of tests with just such an amendment to the low tempera-
ture cooling, as used by Rogers & Pittard (2013, 2014). We
have found that the increased cooling introduced by CO at
lower temperature allows the clumps and filaments to cool
further (with associated increased density) to temperatures
on the order of 10-15K. With regard to this work, it should
be noted that the densities we find are likely to be at the
lower end of the range of observed clump and filament den-
sities. We leave a more complete treatment of the role of CO
to a future work. Internal photoionisation does not play a
role as no stars have formed yet in these molecular clouds.
In a forthcoming work, we examine the introduction of stars
and their wind and SNe feedback into the cloud.
5 RESULTS
In this section we present our results. Firstly, we examine
the evolution of the Scenario 1 2D box simulations (Sec-
tion 5.1). Next we focus upon the evolution of the 2D dif-
fuse cloud simulations up to a free-fall time in Section 5.2.
Finally, in Section 5.3 we present the evolution of the 3D
diffuse cloud simulations, presenting slices through the sim-
ulation domain parallel and perpendicular to the imposed
field, as well as collapsing the simulation domain perpen-
dicular to the imposed field. In the following Section 6 we
analyse and discuss the properties of the individual clumps
and filaments.
In the following sub-sections, we refer to the formation
of clumps from the diffuse cloud. We separate the termi-
nology in this fashion to achieve clarity for the reader, al-
though it should be noted that our definitions do not track
identically with those typical of other authors, e.g. Table
1 of Bergin & Tafalla (2007). Our ”clumps” are similar to
Bergin & Tafalla’s clouds, although our velocity dispersions
are lower, for reasons investigated in the next Section.
5.1 Scenario 1 - a segment of a larger diffuse cloud
We begin by showing the time evolution of the three diffuse
cloud segment simulations without self-gravity in Scenario 1
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8 C. J. Wareing et al.
(b) ȕ=1.0 (c) ȕ=0.1 
x x x 
y 
log(ȡ) 
nH [cm-3] 
t=
35
.4
 M
yr
s 
(a) ȕ  
Figure 3. Scenario 1 - 2D simulations of segments of a larger diffuse cloud, with self-gravity. Each plot shows the logarithmic mass
density. Across the columns, the three different magnetic field cases are presented, all at the same snapshot time in the simulation of
35.4Myrs. Magnetic field lines are indicated where appropriate. Length is scaled in units of 50 pc.
(Fig. 2). In the first 10Myrs, all cases evolve to smooth the
initial density pertubations shown in Fig. 1(a). Material in
isolated unstable thermal equilibrium can then evolve into
one of two stable states – either it contracts and cools into
the cold state, or warms and expands into the warm state.
We observe regions of the domain undergoing precisely this
– some begin to cool and contract to higher density, others
begin to warm and reduce in density. The flow of material
from warm to cool regions then accentuates the density in-
homogeneities further. In the absence of magnetic field and
gravity, the distribution and growth rates of the high den-
sity regions is controlled by the TI (β =∞, top row Fig. 2).
The initial smoothing has no preferred direction and con-
densations appear after 18Myrs with densities a few tens of
times higher than the initial condition across the domain.
By 24Myrs, it’s clear that these “clumps” are not growing
at the same rate; some are already far denser than others.
Mass flows onto the clumps from all directions equally and
hence the clumps are randomly distributed across the do-
main. Lower density linear structures interconnect a num-
ber of the clumps. These structures fit the definition of fila-
ments, but are in fact transitory structures of material flow-
ing towards higher density clumps. An examination of the
velocities in the domain confirms this - the clumps are sta-
tionary, with material moving onto them equally from all
directions, including motion toward clumps along the fila-
mentary structures. The spacing of the clumps is approxi-
mately 5-10 pc. By 29.5Myrs (third column), the number of
such linear structures has greatly reduced, although some
do persist to 35Myrs and beyond. The clumps have a range
of densities from a few hundred H cm−3 up to 1000H cm−3
and are distributed evenly across the domain. The TI has
enabled the initial density inhomogeneities to contract into
high density clumps on a time-scale considerably shorter
than the dynamical free-fall time of the cloud, according to
the growth described by Field (1965). The lowest tempera-
tures correspond to the equilibrium conditions observed in
the highest density regions, around 30K. We discuss the
properties of the clumps, including temperature and veloc-
ity profiles in more detail in Section 6.
The TI generates motions that are sub-sonic outside
the cool dense structures and sub-Alfve´nic everywhere in
the domain. They are on the order of 5 km s−1 towards the
filaments. The internal motions inside the filaments are also
sub-sonic on the order of 0.5 - 0.6 km s−1. In the transition
regions, where material reaches the filament, trans-sonic mo-
tions are briefly observed. With β = 1.0 (Fig. 2, second row),
the magnetic field preordains the direction for the flow of
material - along the field lines only with this velocity range
(indicated by lines across the domain). Condensations that
have appeared by 18Myrs show only minor differences to
those formed with β =∞ at that time. By 23.6Myrs the lin-
ear structures seen previously are now stationary filaments
that grow in density at the same rate as the clumps did
previously, gaining material from flow along the field lines.
By 29.5Myrs, their nature as persistent and stationary fil-
amentary structures is clear. The highest density filaments
are predominantly perpendicular to the magnetic field direc-
tion. A number of lower density linear structures ‘feeding’
the high density filaments are now apparent, which are more
likely to be parallel to the field direction, in agreement with
the direction of sub-sonic, sub-Alfve´nic motion defined by
the magnetic field. There are also a number of objects that
are more clump-like. They are somewhat extended perpen-
dicular to the field but not enough to be defined as a fila-
ment (according to our definition, see Section 2). Both the
filaments and the clumps show a similar range of densities,
up to a few hundred H cm−3 – lower than β = ∞. An-
other difference from β =∞ is that between 29.5Myrs and
35.4Myrs, the filaments now move considerably more, still
along the field lines, connecting and forming longer, more
curled filaments that have similar densities and widths, but
are now considerably longer. Many of the clumps seen at
29.5Myrs have now been absorbed into these filamentary
structures.
With β = 0.1 (Fig. 2, third row), the magnetic field
now dominates the evolution and the only structures that
form are filamentary. Rather than growing in length at late
times, these filaments initially cool and condense out of the
smoothed initial condition as long, high-density structures
with high aspect ratios. For the first 30Myrs, they are al-
most exclusively perpendicular to the magnetic field. In the
final plot (fourth column), after 35.4Myrs of evolution, the
filaments are now skewed across the domain, a consequence
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Figure 4. Scenario 2 - 2D simulations of slices perpendicular to the major axis of a larger cylindrical cloud, in columns 1-3 without
self-gravity and in column 4 with self-gravity. Each plot shows the logarithmic mass density. Across columns 1-3, time evolution of the
simulations without gravity is presented. Across the rows, the three different magnetic field cases are presented. Magnetic field lines are
indicated where appropriate. Length is scaled in units of 50 pc.
of the initial random density distribution. The magnetic field
remains unaffected by this motion.
In all three cases after 35.4Myrs, large-scale movement
occurs across the entire domain. The effect of self-gravity on
this movement is important and so we go on to consider the
repeat of these simulations with self-gravity, as shown in Fig.
3. With β =∞, the major difference is in the range of clump
densities formed during the evolution. Higher density clumps
than previously are formed on the same time-scale. In both
β = 1.0 and β = 0.1 cases, the major difference as expected
is at late-time (t=35.4Myrs ≈ 0.7 tff ). Gravitational attrac-
tion has resulted in the movement of the filaments towards
one another and the centre of the domain, albeit with veloc-
ities that are still sub-sonic and sub-Alfve´nic and hence the
filaments appear to crowd around x = 0.5.
We have included this Scenario in order to study and
document the action of the TI in isolation, but it is ques-
tionable how representative these simulations are of a cloud
segment after 30Myrs. In the next two sections, we model a
cloud and surroundings in order to address this point more
fully.
5.2 Scenario 2 - slices of cylindrical clouds
In Fig. 4 we show the time evolution of the three magnetic
field cases with and without the effect of self-gravity for Sce-
nario 2, representing a slice through a cylindrical cloud per-
pendicular to the major axis. With β =∞, the cloud evolves
without any magnetic field and the natural action of the
TI can be observed. By 23.6Myrs, cold condensations have
formed across the cloud. As the domain is now considerably
larger (shown in the figure is 100 pc×100 pc), many more
condensations are apparent in the domain. As before, they
evolve to form small, cold, high density clumps by 35.4Myrs.
Motion caused by the TI has caused the contraction due to
the pressure loss within the cloud. Self-gravity does not play
a role in this simulation. with by late-time (47.2Myrs), a
smaller number of more dense clumps are now apparent, as
well as clumps on the outer edge of the cloud losing mass to-
wards the centre of the cloud. Further detailed investigation
of the simulation, in particular the velocity in and around
the clumps, reveals that they are falling radially inwards at
a lower speed than their lower density surroundings. In the
frame of reference of the clump, lower density material is
therefore flowing past the clump and entraining clump ma-
terial into the faster flow. The result is the formation of tails
behind the clumps and directed radially inwards, as seen in
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the figure. Given that around the edges of the cloud, the
TI will generate motion toward the centre of the cloud ac-
centuated by the 2D numerical approach, the authenticity
of this collapse will be studied in more detail in the next
sub-section, considering a 3D simulation.
With the introduction of self-gravity to the β =∞ field
case, the cloud contracts under the effect of both the TI and
gravity to a high density core by 41.3Myrs, consistent with
the free-fall time of 49.2Myrs. Approximately 17,000M⊙ is
now contained within a radius of 5 pc. Structures formed by
the TI during the preceding evolution have been destroyed
by the gravitational collapse of the cloud.
With β = 1.0, structures form across the cloud in the
first 25Myrs in a similar manner to those observed in the
β = ∞ field case. The two clouds are almost indistinguish-
able. After 25Myrs, the evolution of these two clouds di-
verges. With magnetic pressure equal to thermal pressure,
filaments and clumps again form across the cloud. The ra-
dial contraction of the cloud seen without magnetic field
now manifests itself as contraction along the field lines only.
An elliptical cloud forms, supported in the direction per-
pendicular to the magnetic field by the magnetic pressure.
The cloud evolves towards becoming a bundle of filaments.
By 47.2Myrs, many of the smaller filaments have now inter-
connected and formed longer, more curled structures. These
have also absorbed many of the clumps that had evolved up
to this point. Large-scale motion is directed towards the ver-
tical axis of the cloud, with larger velocities at late-time. In
this simulation with self-gravity (as seen in the 4th column
of Fig 4), the filaments survive the gravitational collapse.
The filaments eventually gather towards the centre of the
cloud, moving along the field lines, with the magnetic field
providing support against both the TI and the gravitational
collapse of the cloud.
In the simulation with β = 0.1, the effect of a strong
magnetic field can be seen even at comparatively early time
in the evolution of the cloud. The condensations forming
out of the low density cloud are already perpendicular to
the field, indicating motion of material is very strongly con-
fined along field lines. By 35.4Myrs the cloud is dominated
by filaments predominantly perpendicular to the imposed
field. The TI-driven collapse along the field lines leads more
rapidly towards the ordered extended filament situation seen
in the β = 1.0 case, with sub-filaments that contain distinct
substructures in both density and velocity. With gravity, the
collapse is even more rapid towards this conclusion.
5.3 Scenario 3 - a spherical cloud
We now consider our 3D simulations of spherical clouds. In
Fig 5, we show slices through the domain parallel and per-
pendicular to the magnetic field, as well as projected column
densities in order to gain the most insight into the evolution
of these molecular clouds. Figures in the previous two Sce-
narios have shown how the clouds evolve to form filaments,
and so in this section we choose to show the cloud at a par-
ticular instance in its evolution – 35.4Myrs – once structure
has formed but less than tff . The evolution up to this point
has been illustrated in the previous two Scenarios. Where
there are deviations from this evolution, we note those in
our description.
With β =∞ (Fig. 5, top row), the TI triggers the now
familiar formation of cold, dense clumps across the molecu-
lar cloud, predominantly towards the edge of the cloud, the
properties of which we will discuss in detail in the next sec-
tion. Planes through the simulation domain at x = 0 and
y = 0 are qualitatively the same in terms of the major char-
acteristics, e.g. overall cloud dimensions, clump distribution,
clump density and interclump conditions. The quantitative
differences are a consequence of the random initial condi-
tions. Collapse of the datacube along either the z or x axis
also results in indistinguishable column density projections.
It is worth noting that the spread of clumps across the cloud
in projected column density is roughly even, i.e. there is
no increased population density towards the centre of the
cloud. This indicates the clump formation, at least in this
Scenario without self-gravity, is predominantly around the
edges of the cloud rather than uniformly across the cloud,
which would result in increased clump population density
towards the centre of the cloud. Simulated in 3D, it would
appear that collapse of the cloud under the influence of the
TI alone is less pronounced. Given that in 2D this is caused
by velocities developing radially inwards toward the centre
of the cloud, in 3D a wider range of directions of velocity can
develop and the rapid collapse observed in 2D is revealed as
an artifact of 2D modelling. Whilst there are no indications
of clump ablation in this simulation at this time, we find
similar but less pronounced effects around the edge of the
cloud by tff , ∼53Myrs.
With a magnetic field with β = 1.0 (Fig. 5, second
row), multiple filaments appear to form uniformly across the
cloud, perpendicular to the field direction on both a plane at
y = 0 and in projection collapsing the density distribution
along the z axis. These filaments persist rather than merge.
The question of whether these filaments are actually indi-
vidual filaments or corrugated interconnecting sheets seen
in projection can now be addressed. Inspection of the 3D
simulation would indicate that for this field strength, with-
out self-gravity, filaments form separately and eventually
merge as more material moves out of the thermally unstable
state, creating first filaments, then interconnected ‘corru-
gated’ sheets, with density varying across the sheet creating
structure in the sheet and in projection. A line of sight across
the sheet would see several filaments, that are in fact inter-
connected (see the illustrative line of sight in Fig. 6 for the
β = 0.1 case on the x = 0 plane.) The preceding filaments
persist for a relatively long period of the evolution - from
25Myrs to 35Myrs as noted previously.
Projecting perpendicular to the magnetic field to cre-
ate a collapsed plane parallel to the field (third column), the
cloud appears entirely filamentary. Column densities in the
filaments are on the order 10−3 – 10−2 g cm−2. This is in
excellent agreement with range of column densities derived
from Herschel data in a portion of the Polaris flare translu-
cent cloud Andre´ et al. (2010) and also central column den-
sities in the B213/B211 filament in Taurus Palmeirim et al.
(2013). The nature of the velocity dispersions in these fila-
ments generated by the TI is on the order of 0.5 - 1.0 km s−1.
The velocity variation across the corrugated sheets shows
dispersions around separate velocity components for differ-
ent filaments. Separated velocity components have previ-
ously been interpreted as evidence for separated filamentary
structures, rather than corrugated sheets. However, it is now
clear that corrugated sheets, with velocity variations across
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Figure 5. 3D simulations without self-gravity at t=35.4Myrs. Columns 1 and 2 show the logarithmic mass density on planar slices
through the domain at x = 0.0 perpendicular to the field and y = 0.0 parallel to the field respectively. Columns 3 and 4 show the
logarithmic column density by projection along the x axis onto a y-z plane and along the z axis onto a x-y plane respectively. Across
the rows, the three different magnetic field cases are presented. Magnetic field lines are indicated where appropriate. Length is scaled in
units of 50 pc.
the sheets of several km s−1 (up to 10× larger than the non-
thermal velocity dispersions) and density variations caused
by the TI leading to a filamentary appearance in projection,
can also generate separated velocity components, with dis-
persion around these components. This indicates that sep-
arated velocity components should not be used to differen-
tiate between filamentary structures and corrugated sheets
seen in projection.
The major axis of the filamentary structures are per-
pendicular to the magnetic field, although corrugations in
the sheets show structures which are parallel to the field in
places. Unlike in the previous Scenario (c.f. Fig 3), there are
no indications of isolated clumps in this cloud. As in the
previous Scenario, the highest density filaments are exclu-
sively perpendicular to the magnetic field. The lower density
filamentary structures interconnecting these high-density fil-
aments are again regions still undergoing TI-driven conden-
sation flowing onto the higher-density filaments. Projecting
along the magnetic field to create a collapsed plane perpen-
dicular to the field (fourth column), shows structure appar-
ent in the cloud, but it is not clear that it is at all filamen-
tary. A cloud seen along a line of sight perpendicular to the
field (third column) can appear very different from the same
cloud seen along a line of sight parallel to the field (fourth
column).
With β = 0.1 (Fig. 5, third row), fewer filaments form
and they are exclusively perpendicular to the magnetic field.
The average filament spacing would appear to be larger than
in the β = 1.0 case. Seen in projected column density, the
cloud appears filamentary when the line of sight is perpen-
dicular to the field and uniform when the line of sight is
parallel to the field. Comparable column densities to the
β = 1.0 case and observations are produced perpendicular
to the field. Parallel to the field, column densities are 10×
lower. Clearly β is low enough to enforce no movement of
material across field lines – due to entirely sub-Alfve´nic ve-
locities. We are not aware that such strongly contrasting
numerical outcomes have been seen before when consider-
ing projected column densities. KKPP15 shows filaments
appear filamentary when projected in all three directions,
although they only show column density distribution pro-
jected along the x axis in their simulations.
In Fig. 6 we show the evolution of the spherical cloud in-
cluding the effect of self-gravity. Without a magnetic field,
the cloud undergoes gravitational collapse and shrinks as
shown in the top row of Fig. 6. Unexpectedly, the projected
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Figure 6. 3D simulations with self-gravity at t=35.4Myrs. Columns 1 and 2 show the logarithmic mass density on planar slices through
the domain at x = 0.0 perpendicular to the field and y = 0.0 parallel to the field respectively. Columns 3 and 4 show the logarithmic
column density by projection along the x axis onto a y-z plane and along the z axis onto a x-y plane respectively. Across the rows, the
three different magnetic field cases are presented. Magnetic field lines are indicated where appropriate. Length is scaled in units of 50 pc.
Figure 7. Three different views of the same 3D isosurface of constant density (10 cm−3) illustrating the corrugated nature of the single
sheet formed in the β = 0.1 case with self-gravity at 35.4Myrs. Visualisation created using the VisIt software (VisIt Collaboration 2012).
Length is scaled in units of 50 pc.
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column density both along x and z reveals a few linear fila-
mentary structures connecting the high density clumps. Al-
though there are some linear structures visible in the y = 0
plane, it is more than likely that these are in fact a projec-
tion effect. With β = 1.0 (Fig. 6, second row), filaments that
initially formed all across the cloud in the simulation with-
out gravity, have now formed predominantly around x=0
and are merging to form a complex bundle of filaments seen
in projection across the field (third column). In reality, this
is the projection of a number of interconnecting sheets lo-
cated roughly parallel to a plane at x=0, rather than individ-
ual filaments. Across the field lines, the magnetic field has
supported the cloud from TI-driven and gravitational col-
lapse. In the β = 0.1 case (Fig. 6, third row), by 35.4Myrs
the cloud has formed a single sheet down the centre of the
cloud. The slice plane at x = 0 (Column 1) highlights the
corrugated nature of the sheet. This sheet is notably less
corrugated than in the β = 1.0 case - there are fewer in-
tersections of the sheets shown by the red high density on
the x=0 plane. Parallel to the field, the slice plane at y = 0
highlights the single filamentary nature of this cloud. 3D
isosurfaces of constant density best illustrate the corrugated
nature of this sheet, as shown in Fig. 7. Both β=1.0 and 0.1
simulations with self-gravity are more filamentary than in
the simulations without self-gravity (c.f. Fig 5). Collapsing
along the z-axis to examine the column density, a tightly
bound bundle of filaments is the apparent manifestation of
the corrugated sheet formed by the thermal instability. Peak
column densities are comparable to previously. In projection
along the field direction, the same uniform cloud is observed
as in the simulation without self-gravity, with no internal
structure, but column densities 10× lower. The dominance
of the magnetic field has guaranteed that material has only
moved along the field lines, resulting in the smooth pro-
jection of an apparently uniform density sphere onto this
plane. We go on now to examine whether the apparently fil-
amentary structures formed in Scenario 3 with self-gravity
in particular show any resemblance to observed structure.
6 CLUMP AND FILAMENT ANALYSIS
6.1 Clumps
Clumps are formed throughout the cloud in all three Scenar-
ios with the β =∞ field case and also along with filaments
in the β = 1.0 field case. In this section, we present their
properties. We remind the reader that we use “clump” by
choice in order to achieve clarity from the diffuse “cloud”
initial condition and it should be noted that this definition
does not track identically with those typical of other authors,
e.g. Table 1 of Bergin & Tafalla (2007).
We have used an algorithm developed for MG (Van Loo,
Tan & Falle 2015) in order to identify high density clumps in
the 3D β =∞ field case with self-gravity. Setting a density
threshold of 100 H cm−3, this algorithm scans through the
computational domain and firstly identifies all the cells that
have a density above this threshold and then within that se-
lection identifies cells that neighbour each other to identify
each clump as a whole. We have discounted clumps contain-
ing only 1 grid cell from this data analysis. The algorithm
identified ∼430 clumps (not including a further 40 single
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Figure 8. Clump properties from the non-magnetic simulation.
(a) mass distribution of 430 clumps. (b) clump mass vs. clump
radius. (c) clump mass vs. velocity dispersion inside the clump.
cells with densities above the threshold value). In Fig 8(a)
we show the clump mass distribution of these ∼430 clumps.
Nearly half of the clumps have a mass less than 10M⊙. The
distribution has a defined peak in the 2-4M⊙ bin and a long
tail, typical of a log-normal distribution, with three clumps
with masses greater than 70M⊙.
In Fig 8(b) we show the distribution of clump mass vs.
radius. There is a strong agreement between clump mass
Mc and clump radius Rc whereby Mc ∼ 6±1.5Rc M⊙. The
clump radius ranges up to ∼18 pc, although the next most
massive clump has a radius of just over 12 pc and equivalent
mass; the three most massive clumps range widely in radius
from 10 to 18 pc. The average density across all the clumps
is 4.9M⊙ pc
−3, with a standard deviation of 0.96M⊙ pc
−3,
a maximum value of 8.35M⊙ pc
−3 and a minimum value of
3.05M⊙ pc
−3.
Turning now to the distribution of clump mass vs. ve-
locity dispersion shown in Fig 8(c), a conclusion that can be
reached is that lower mass clumps tend to have a lower ve-
locity dispersion. That said, there is a wide range of values
even for the low mass clumps, from 0.1 to 0.6 km s−1. High
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mass clumps have velocity dispersions in the range 0.5 to
0.8 km s−1. Compared to the observed distribution of Heyer
& Brunt (2004), the clumps measured here appear to have
lower velocity dispersions for their sizes. Velocity dispersions
are underestimated by a factor of 2.8±0.67 compared to the
scaling law of Larson (1981) and 2.68 ± 0.63 compared to
the scaling law of Solomon et al. (1987). We have examined
the variation of these factors over time in our simulation
and once the clumps have stabilised (by t=0.055) these fac-
tors remain remarkably constant. Only during the final col-
lapse of the cloud (from t=0.085) into a single 17,000 M⊙
clump/core does the velocity dispersion then fit with the
Larson and Solomon et al. scaling laws, although taking a
different threshold value will change sizes but not the ve-
locity dispersion and hence affect this comparison. In these
non-magnetic simulations, under this examination it can
be concluded that the TI does not generate large enough
velocity dispersions and so there is a need for additional
velocity dispersion from other sources. Further simulations
will address whether this issue can be rectified with the TI
alone, or whether feedback is required. The end-point of our
non-magnetic simulation would certainly suggest that the
TI in combination with gravitational contraction can repro-
duce realistic velocity dispersions. A recent observational
test would suggest that gravity is the ultimate source of
such velocity dispersions (Krumholz & Burkhart 2016).
The gas temperatures in the clumps are on the order
of 50-60K. Observationally inferred temperatures are lower
than this. This would appear to highlight a limitation of the
cooling function and resolution used in this work. Higher res-
olution and accounting for CO formation is likely to lead to
higher densities and lower temperatures but requires com-
plex additions that are not within the scope of this work.
We plan to study this in a future work.
As has been demonstrated earlier, a magnetic field sup-
presses the formation of clumps, so that filamentary struc-
ture tends to form instead. With equality of the magnetic
pressure and thermal pressure (β = 1.0), numbers of clumps
and filaments form roughly equally. When the magnetic
pressure dominates over the thermal pressure, no clumps
form. In our simulations, with a low initial density and hence
low initial pressure, this occurs even for an average Galactic
field strength. In these simulations, the magnetic field is as
yet unaffected by the formation of clumps. No field strength
enhancement is observed.
It should be noted that under the definition in Table 1
of Bergin & Tafalla (2007), our “clumps” are more like small
Bergin & Tafalla clouds in terms of their size and density,
but more like Bergin & Tafalla clumps in terms of their mass
and velocity dispersion. We do not form structures in these
simulations which can be considered as Bergin & Tafalla
cores.
6.2 Filaments
Filamentary structures can be described by a Plummer-like
function of the form previously described with p ≈ 2 (Ar-
zoumanian et al. 2011). We now consider whether the fila-
ments formed in our simulations can be described by such
a function and if so, with what p value. In Figs 9 and 10
we show the averages of profiles cut across filaments in the
β = 1.0 and 0.1 field cases respectively. These profiles are
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Figure 10. Averaged filament profile across 26 filament cuts in
the β = 0.1 field case with self-gravity, compared to Plummer
profiles (solid and dashed lines). The data has been averaged and
presented in the same way as Fig. 9.
taken across the cloud at y = 0 and values of z ranging
across the z range of the cloud, at regular intervals. The
central density represents the average from the 36 filament
measurements from the β = 1.0 simulation and 26 filament
measurements from the β = 0.1 simulation. Fewer filament
profiles are identified and averaged over in the β = 0.1 case
as there are fewer filaments in the cloud - see column 2 of
Fig 6. For both values of β, the error on the central data
point is the standard deviation of these central densities.
The other data points are averages and the standard devia-
tion calculated after each filament cut has been normalised
by its central density in order to allow such a data reduc-
tion across filaments with different central densities. In both
field cases, we fit the data to Plummer profiles and show
that a p=2 profile fits the data better than a p=4 profile
for Rflat equal to 0.275 pc in the β = 1.0 case with FWHM
∼0.6 pc and Rflat equal to 0.15 pc in the β = 0.1 case with
FWHM ∼0.35 pc. These values of Rflat and FWHM are con-
sistent with other authors (Hennemann et al. 2012; Juvela
et al. 2012). For β = 1.0, taking a filament with central den-
sity of 60 cm−3 and central temperature of 50K (and hence
cs ∼0.8 km s−1) from the profile at y = 0, z = 0, the Jeans
length is λJ = Cs(pi/Gρ)
0.5 = 18.4 pc. For β = 0.1, the
same profile at y = 0, z = 0 has a filament with central
density of 67 cm−3 and central temperature of 50K, corre-
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sponding to a slightly smaller Jeans length λJ = 17.5 pc.
Gravity is not yet affecting the shape and structure of these
filaments. Formation is entirely due to the TI. With an en-
hanced cooling prescription the filaments will cool further
and their density will increase. Eventually we expect grav-
ity to dominate the evolution and the filaments will contract
further on timescales shorter than the cloud evolution time.
The strength of magnetic field has an effect on filament
properties. Comparing Figs 9 and 10, filaments formed in
the strong magnetic field case are clearly narrower than in
the magnetic/thermal pressure equality case. This could be
an effect of time-evolution, but comparing the cloud evolu-
tion between β = 1.0 and β = 0.1 cases indicates this is not
the case. It is more likely due to the more-ordered evolution
of the β = 0.1 case, forming a single corrugated sheet, as
opposed to the “bundle” of filaments in the β = 1.0 case. As
for the orientation of the filaments, they are generally per-
pendicular to the magnetic field, which compares well with
observations. Filaments parallel to the field are only flows
onto the denser perpendicular filaments in this scenario. In
these simulations, the magnetic field is as yet unaffected by
the formation of filaments. No field strength enhancement
is observed. Further gravitational collapse of the filaments
would presumably begin to affect the magnetic field on lo-
cal filament scales, but larger field strengths measured across
the cloud must have a different origin in this scenario.
Temperatures in the filaments are similar to those of the
clumps, and in some cases cooler: at the highest densities,
the temperatures approach 30K. Again, these are high com-
pared to the observations, for reasons given in the previous
sub-section, but if these are proto-filaments, the continued
action of the TI under the influence of gravitational collapse
could lead to lower temperatures and higher densities. We
hope to be able to examine this in future work.
The velocity profiles across the filaments in both the
β = 1.0 and 0.1 simulations are complex. Different filaments
have different central velocities with non-thermal disper-
sions on these central velocities. Typical filament velocities
in the frame of reference of the entire cloud are on the or-
der of 5 km s−1 in both field strength cases, with velocities
generally directed towards the centre of the cloud. Typi-
cal velocity dispersions internally within each filament are
on the order of 0.5 km s−1. It is important to note three
things. Firstly, these internal velocity dispersions are on
the order of those measured from observations (Arzouma-
nian et al. 2011) - TI-driven filament formation can repro-
duce the “turbulent” velocities measured in filaments (e.g.
by Arzoumanian et al. 2013). Secondly, the fact that dif-
ferent filaments have different central velocities, whilst still
being part of a larger bundle of filaments or even projection
of interconnected sheets highlights that it is now impossi-
ble to conclude from observations of filaments with differ-
ent central velocities that they are separate filaments - in
this work they could equally be part of a TI-formed corru-
gated sheet, non-uniform in density, temperature and veloc-
ity. Thirdly, the entirely local TI mechanism drives large-
scale, ordered flow on the same scales as that observed and
previously considered to be difficult to generate internally.
It should also be noted that at the width of the filaments
(∼0.3 pc) in this study, a suitably-initialised turbulent ve-
locity scaling relation would likewise predict velocity dis-
persions of ∼0.4 km s−1 so the thermal instability is not the
only method to obtain such low velocity dispersions.
It should be noted that the clump/filament-formation
timescale is far shorter than the diffuse medium evolution
timescale. The diffuse cloud initial condition in this work
evolves on the scale of tens of Myrs, with a free-fall time
tff ∼50Myrs. The medium remains quiescent and diffuse
for the first ∼18Myrs, after which time clumps and fila-
ments characteristic of molecular clouds begin to form out
of this medium, which given we start with the lowest possi-
ble density initial condition and introduce no external stim-
ulus, is in good agreement with timescales from Galactic
scale simulations (section 2.6 of Ostriker et al. 2010; Kim
et al. 2011). Hence, the giant molecular cloud can said to
have formed at ∼18Myrs. The filaments then reach their
final thermodynamic state with high density rapidly after
this time (although slow movement of the filaments contin-
ues after this time) leading to star formation in the cloud
on realistic timescales, in agreement with observations and
other numerical work (Clark et al. 2012). In our next work,
we consider the injection of stars at this time and the ef-
fect of their wind and SN feedback onto the cloud, including
timescales of cloud destruction. Given that massive stars
will evolve to SN phase on timescales of 3-4Myrs, the cloud
formed in these simulations will be strongly affected, if not
destroyed. We examine exactly this evolution and timescale
in our next work.
7 CONCLUSIONS
In this paper we explore the idealised evolution of diffuse
clouds under the influence of the thermal instability (Field
1965), with magnetic fields and self-gravity and without
turbulence. We show that compared to the zero magnetic
field case where symmetric stationary clumps rapidly form
throughout the cloud, filaments extended perpendicular to
the magnetic field lines form as material moves along the
field lines. Over a longer time, the filaments continue to
move, interconnect and disconnect in both 2D and 3D sim-
ulations. At any particular instant, projecting the 3D struc-
ture onto a plane generates column density projections that
resemble filaments and bundles of filaments in molecular
clouds if the plane is parallel to the magnetic field (i.e. B is
perpendicular to the line of sight). Projected column densi-
ties are comparable to observations. Projecting the 3D struc-
ture onto a plane perpendicular to the magnetic field (i.e. B
is parallel to the line of sight), generates clouds remarkably
uniform in appearance, circular in projection and not at all
filamentary, especially so in the strong field case where ma-
terial only moves along magnetic field lines and the result is
the collapse of a uniform spherical cloud along this direction.
Column densities are 10× lower.
The action of the thermal instability in the formation of
molecular clouds is not new, but the novelty of this work is
in the exploration of the operation of the thermal instability
under the influence of the magnetic fields in numerical simu-
lations of diffuse clouds, without external trigger factors e.g.
colliding flows or driven turbulence. Clumps and filaments
can be formed under the action of the thermal instability
alone, without gravity, on realistic timescales with a range
of properties comparable to those observed and without the
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need to resort to an initial “turbulent” state. In fact, from
stationary conditions, velocities such as those observed in
molecular clouds are formed in these simulations. This work
further emphasizes the fact that the role of the thermal in-
stability and magnetic fields should be fully considered in the
formation of molecular clouds. The assumption of isother-
mal conditions may be missing a significant mechanism.
Limitations, such as neglecting the role of CO, can be
interpreted as the reason for not matching all available ob-
servational results and future work including the thermal in-
stability should strive to address these limitations. We plan
to study the particular role of CO in a future work.
Thermal instability leading to filament formation with
or without the influence of gravity does not intensify the
magnetic field in our simulations. Other influences are re-
quired, for example stellar feedback generating super-sonic,
super-Alfve´nic motions. This particular question regarding
the field-intensifying effect of stellar feedback will be ex-
plored in a forthcoming paper that takes these simulations
as a starting point and introduces stars and their wind and
SNe feedback.
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